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ABSTRACT
In this paper we propose a novel technique to constrain the progenitor binary black
hole (BBH) formation history using the remnant masses and spins of merged black
holes (BHs). Exploring different models, we found that dynamically formed BBHs are
distributed differently in the mass-spin plane than those that have formed in isolation.
Stellar evolution recipes crucially affect the remnant mass distribution, suggesting that
future efforts should be devoted to finding a common way of modelling the evolution-
ary phases of single and binary stars. Our simple approach has allowed us to place
weak constraints on the origin of the presently observed population of merged BHs,
although with high uncertainties. Our results show that the fingerprints of different
BBH formation channels will emerge as soon as LIGO detects more than ∼ 102 merger
events. This work provides a way of thinking that can be easily used both by people
working on isolated and on dynamical BBH formation and evolution.
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1 INTRODUCTION
The recent detections of gravitational waves (GWs) achieved
by the LIGO/VIRGO consortium have, for the first time,
allowed the observation of the last phases preceding the
merger of stellar-mass binary black holes (BBH) (Abbott
et al. 2016b,c, 2017a; The LIGO Scientific Collaboration
et al. 2017).
These are the first direct detections of BBHs to date,
opening the window on a new era for astronomy as a whole,
further pushed by the recent first observation of a double
neutron star merger (Abbott et al. 2017b).
One of the puzzles coming from the LIGO/VIRGO
detections is the origin of stellar BHs with masses above
20 M. Indeed, before the detection of GW150914 (Abbott
et al. 2016b), most BHs known resided in binary systems
while accreting from their companion. The X-ray emission
from the accretion disk around the BH allowed for the de-
tection of ∼ 22 BHs so far (Remillard & McClintock 2006;
Casares et al. 2017). These BHs have masses in the range
1.6 − 18 M (Casares et al. 2017). In contrast, the LIGO
sources have masses of 10 − 36 M, with merger products
as heavy as 62 M.
? E-mail: m.arcasedda@ari.uni-heidelberg.de
These GW sources may have originated either in the
field—from isolated binary stellar evolution (Belczynski
et al. 2008, 2016, 2017) or in a triple system (Antonini et al.
2017)—or through dynamical interactions in dense young
massive clusters (Portegies Zwart & McMillan 2000; Mapelli
2016; Banerjee 2017, 2018), globular clusters, (Downing
et al. 2010; Rodriguez et al. 2015, 2016, 2017; Askar et al.
2017) or galactic nuclei (Bartos et al. 2017; Antonini &
Rasio 2016; O’Leary et al. 2016; Hoang et al. 2018; Arca-
Sedda & Capuzzo-Dolcetta 2017; Arca-Sedda & Gualandris
2018). Different environments would affect differently the
BBH properties. For instance, if a BBH merges while orbit-
ing a supermassive black hole, it may appear heavier to GW
detectors, since its rapid motion around the supermassive
black hole can induce a noticeable Doppler shift, which in
turn can increase the observed BBH mass Chen et al. (2017);
Arca-Sedda & Capuzzo-Dolcetta (2017). Driving a BBH to-
ward coalescence by dynamical scattering is not very easy.
The most likely channel for this to occur is through repeated
binary-single or binary-binary interactions, which can lead
the BBH to progressively shrink and eventually be ejected
from the cluster and merge later, or merge promptly inside
the inner cluster regions (Rodriguez et al. 2017; Samsing
et al. 2018). These interactions can also lead to the formation
of a hierarchical system, in which the inner BBH merger is
c© 2018 The Authors
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driven by Kozai-Lidov oscillations (Antonini & Perets 2012;
Naoz et al. 2013, 2016) or to a short-lived, non-hierarchical
triple in which the outer component induces a rapid increase
in the eccentricity of the inner binary, accelerating the merg-
ing process (Arca-Sedda et al. 2018). While all the scenarios
above explain the observationally inferred BBH merger rate
quite well, it is still unclear whether the high masses ob-
served by LIGO/VIRGO can tell us something about single
(Spera et al. 2015) or binary stellar evolution physics (Bel-
czynski et al. 2016), or if they are due to repeated collisions
among BHs retained in their parent clusters after a “first
generation”of merging events (Rodriguez et al. 2017). In the
latter scenario, post-merger BHs are retained in the parent
stellar cluster and undergo subsequent mergers, increasing
their mass up to the presently observed values.
The current sensitivity of the three detectors allows us
to obtain crucial information on the BHs masses before and
after the merger, to infer the distance at which the merger
took place, and to get an estimate of the pre- and post-
merger spin of the BHs involved. Whether the initial spin
and masses can be connected to the BHs formation history
is currently matter of strong debate, both on the isolated
binary evolution (Belczynski et al. 2016, 2017), and the dy-
namical (Morawski et al. 2018) sides. Indeed, understanding
whether different formation scenarios and physical processes
might leave a fingerprint in merging BBHs observed prop-
erties is one of the key questions of modern GW astronomy.
For instance, BHs forming through multiple mergers are ex-
pected to have larger masses and higher spins compared to
BHs born from the first merger generation (Gerosa & Berti
2017; Fishbach et al. 2017). Providing a robust strategy to
unveil how spotting the signs of different channels has also
important implications for improving our understanding of
stellar evolution for single and binary stars. For instance,
the observed distribution of BH chirp masses can be used to
infer information on the BH natal kick distribution (Zevin
et al. 2017), thus allowing a big step forward in the com-
prehension of how BHs form and evolve. With the number
of detections increasing as LIGO and Virgo reach full sensi-
tivity it will be also possible to determine what is the most
likely state for BHs spin, either aligned or isotropically dis-
tributed (Stevenson et al. 2017; Talbot & Thrane 2017; Farr
et al. 2017).
Disentangling the formation pathways of BBHs from
GW observations is a many-faceted problem. It requires a
self-consistent and simultaneous treatment of star cluster
evolution (to account for dynamically formed BBHs), single
and binary stellar evolution (to properly calculate the BHs
nascent mass and spin), general relativity (needed to calcu-
late the final BH mass and spins), and cosmology (crucial
to infer the metallicity distribution and the total number of
detectable mergers in the local Universe).
In this paper, we propose a general framework that al-
lows us to explore how different formation channels can af-
fect the distribution of the final mass and spins of merged
BHs, taking into account the most recent results in the field
of dense cluster dynamics, isolated binary evolution and nu-
merical relativity at the same time.
Using this framework, we show that our approach can
be used to assess which is the most probable scenario for the
formation of the observed GW sources, discussing also how
this can be used to predict the future population of observed
BHs once the number of detections becomes statistically sig-
nificant.
The paper is organized as follows: in section 2, we
describe our models; in section 3, we describe the detec-
tion likelihood for merger remnants for each model; in sec-
tion 4, we discuss likely formation scenarios for the known
gravitational-wave mergers; section 5 is devoted to summa-
rize our main conclusions.
2 CREATING MOCK BBHS FOR FIELD AND
DYNAMICAL SCENARIOS
To determine whether different BBHs formation channels
can lead to differences observable in the remnant mass and
spin distribution, we created two samples of BBHs assuming
that they formed either in the field or through dynamical
interactions in a dense stellar environment.
Many other parameters must be taken into account to
provide a complete overview of the possible outcomes of
BBH evolution. We can divide these crucial parameters into
two classes: stellar and environmental. Stellar parameters
depend only on the physics of stellar evolution adopted,
which basically come down to the selection of stellar evo-
lution recipes and the choice of the stellar metallicity. En-
vironmental parameters, instead, depend upon the physical
processes that drive the BBH formation, i.e. the formation
channel (isolated or dynamical). These include the BHs spin
alignment, the BBH mass ratio and the probability for a
merged BBH to undergo a new merger.
In this section, we describe how the BH natal masses
and spins (Sect. 2.1) are calculated in our models, how differ-
ent BHs are paired in BBH (Sect. 2.2), and how we obtained
the remnant mass and spin (Sect. 2.3).
2.1 BH natal masses and spins
In all our models, we selected stars with initial masses in
the range 18− 150 M according to a Kroupa (2001) mass
function. We produce 7000 binaries for each model investi-
gated, using the same number for either isolated or dynam-
ical channels. We chose this number since it corresponds to
the number of objects in a Kroupa distribution with masses
above 18 M that are expected to form in a stellar system
with a total initial mass of ∼ 2.6× 106 M.
For dynamically formed binaries, we can expect the
component BHs to have formed independently. Therefore,
we can determine the final BH masses for these stars using
the latest version of the package SSE (Hurley et al. 2000)
which includes the stellar wind prescriptions of Belczynski
et al. (2010) and FeNi core mass calculations adapted from
Belczynski et al. (2008). We extracted this version from the
direct N-body code NBODY6 1 (Nitadori & Aarseth 2012),
where it is currently implemented. With these updates, a
star with an initial mass of 100 M will lead to a BH of mass
MBH = 40 M, assuming a metallicity of Z = 2× 10−4. For
the remainder of this paper, we will refer to this code as
SSE18 .
1 https://www.ast.cam.ac.uk/~sverre/web/pages/nbody.htm
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For isolated binary stellar evolution, we note that a gen-
eral consesus is not yet established. There are several codes
that follow the evolution of a binary star, all characterized
by different underlying assumption and physical processes.
Among these, we note here StarTrack (Belczynski et al.
2008), MOBSE (Giacobbo et al. 2018), MESA (Paxton et al.
2011), and COMPAS (Barrett et al. 2018). All these codes can
successfully reproduce a population of merging BBHs simi-
lar to the observed population. However, with the same ini-
tial conditions they can lead to different BBH semi-major
axis, mass, and eccentricity, all depending on the assump-
tions being made. A detailed comparison among all these
codes is beyond the scope of this paper, we will instead use
two different approaches to characterize our isolated BBH
population.
For the first approach we use the most recently updated
version of the BSE code for binary stellar evolution (Hurley
et al. 2002), also extracted from NBODY6 . Throughout the pa-
per, we will refer to this code as BSE18 . We will use BSE18 as
a standalone code that models the binary evolution from its
initial phase down to the final BBH configuration. We retain
only the systems that will merge in a Hubble time. We refer
to this as the B model.
In the second approach, we explore the effects of dif-
ferent stellar evolution models using a simplified model for
the BBH population. In addition to the SSE18 models, we
also use an alternative model for isolated stellar evolution
based on PARSEC, the so-called Padova stellar tracks (Bres-
san et al. 2012). We will explain the details of this approach
in the next section. This approach will be refered to as the
I model.
Using PARSEC, Spera et al. (2015) showed that the
BH population originating from metal-poor stars can have
masses that are substantially larger than previously thought.
Consequently, we adapted their results to compare their BH
mass spectrum with the standard output obtained from the
SSE18 code. In Figure 1, we show the mass spectra for both
models, assuming metallicities of Z = 2 × 10−4, 2 × 10−3,
and 2×10−2. Note, for example, that a metal poor star with
initial mass M∗ = 100 M, will turn into a BH with final
mass MBH ' 85 M—more than 2 times larger than the
value obtained through the SSE18 recipes.
Using a handful of fitting formulae to recover the re-
sults of Spera et al. (2015) (see Appendix for the case with
Z = 0.0002), we can quickly explore how a different stellar
evolution recipe can affect the formation and evolution of
BBHs and the also the properties of the post-merger BH.
For the sake of clarity, we will refer to these fitting formulae
as SSEVN 2.
To determine the BH spins, we follow Belczynski et al.
(2017) and assume that the natal spin depends on the pro-
genitor carbon oxygen core mass, MCO, through the relation
aBH =

0.85 MCO < m1,
k1MCO + k2 m1 < MCO < m2,
alow MCO ≥ m2,
(1)
2 The original stellar evolution code developed by Spera et al.
(2015), called SEVN, can be downloaded at http://web.pd.astro.
it/mapelli/group.html#software
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Figure 1. Final BH mass as a function of the progenitor initial
mass as calculated by the updated SSE code (filled red circle)
and the Spera et al. (2015) formulae for different metallicities:
Z = 2 × 10−4 (top panel),2 × 10−3 (central panel), 2 × 10−2
(bottom panel). (filled black squares).
The parameters k1, k2, alow, as well as m1 and m2 depend
on the stellar metallicity, as discussed in Belczynski et al.
(2017).
We note that the BH natal spin can be directly con-
nected with the BH mass through the fitting relation
aBH(MBH) =
A[
1 + (MBH/M0)
B
]C . (2)
which is found from combining all the Belczynski et al.
(2017). To reduce the error introduced in evaluating the fit-
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Figure 2. BH natal spin as a function of the BH mass. Filled
black circles are data from Belczynski et al. (2017).
ting parameters, we fixed M0 = 60 M and B = 8, and then
obtained A = 0.89± 0.02 and C = 0.21± 0.02 from the fit.
For model I, we obtain the mass for BHs in the following
way: first we select the progenitor star mass from the Kroupa
(2001) mass function, and then using either the SSE18 code
or the SSEVN fitting formulae we determine MBH for those
that are sufficiently massive to turn into black holes. For
the spins, we associate each BH with an initial spin that
is randomly chosen between aBH(MBH) ± 0.15 as shown in
Figure 2. These two limiting curves contain the Belczynski
et al. (2017) dataset.
For model B, the BH masses and spins are generated
directly as output of the BSE18 code and calculated during
the different stages of the evolution of the binary. However,
if a component progenitor evolves without being affected by
its companion, BSE18 assigns a constant value for the natal
spin. For the sake of coherence, we replace the constant value
with a randomly chosen spin as in model I when this occurs.
2.2 Coupling BHs in binaries
Once the masses and spins have been chosen, we then need
to determine the binary properties based on their environ-
mental parameters.
In order to study the “field” BBHs, we created two
model sets based on the I and B models. As described above,
we select the masses from the Kroupa (2001) model and as-
sign spins appropriately. The alignment of the spins is chosen
so that the spins are either aligned or mildly misaligned, in
order to explore the role of spin alignment on the final BH
properties.
The I models are the least realistic of our models. They
have been chosen to represent the limiting case of isolated
formation in which binary stellar evolution processes are
negligible. In this case each BBH progenitor is considered
a detached system where common envelope and tidal circu-
larization effects can be ignored. Therefore, we can assume
that every binary in this model will merge within a Hub-
ble time and the masses of the component BHs are simply
chosen through either SSE18 or SSEVN .
We incorporate the effects of binary evolution in our B
models. The LIGO discoveries have motivated a number of
new tools for modeling binary stellar evolution (Marchant
et al. 2016; de Mink & Mandel 2016; Belczynski et al. 2016,
2017; Giacobbo et al. 2018). However, most of these are not
freely available for public use. For this reason, we adapted
BSE18 for use in the B models. We leave a comparison be-
tween BSE18 and other stellar population synthesis tools to
a future work. As discussed in several recent works, different
assumptions on the various mechanisms involved in binary
stellar evolution can affect significantly the merging BBHs
properties. For instance, the assumption of a dependence
between BHs natal kicks and the fall-back mass can maxi-
mize the differences between isolated and dynamical BBHs
(Zevin et al. 2017). Supernovae explosion mechanisms play a
significant role in determining the merging BBHs final prop-
erties (Giacobbo et al. 2018) and the survival of double neu-
tron stars (Kruckow et al. 2018), while the common envelope
phase, which is still poorly understood (Ivanova et al. 2013),
may significantly affect the BBH merger rate (Kruckow et al.
2018). Rather than providing a parameter space study, we
restrict our analysis to a handful of physically motivated
parameters, as discussed in the next section.
Although a detailed description of all the features in-
cluded in BSE18 is out of the scope of this paper, we sum-
marize here the main updates related to stellar BH physics
and the default choices that we have made for our models.
• Natal kick prescription. The user can decide how
the linear velocity imparted to the nascent BH is calcu-
lated. Kicks are extracted according to either a flat distribu-
tion or Maxwellian distribution with dispersion σ. The user
can decide both the flat distribution limiting values and the
Maxwellian velocity dispersion. Two prescriptions are avail-
able for kick amplitudes: the “full” prescription, which as-
sumes that BHs kick are equal to the full kick imparted
to neutron stars, or the “fall-back” prescription, according
to which the BH nascent kick is a fraction of neutron star
kicks and the fraction depends on the stellar core mass,
V BHkick = (1 − fflbck)V NSkick. Further options that can be en-
abled are related to neutron stars and white dwarfs natal
kicks.
• Mass loss prescription. The code allows to select dif-
ferent treatments for mass loss: i) the Hurley et al. (2000)
basic rates, ii) the SSE standard treatment plus a treatment
for luminous blue variables, iii) the Belczynski et al. (2010)
updates for stellar winds of massive stars (Vink et al. 2001;
Vink & de Koter 2005), iv) the Belczynski et al. (2010) up-
dates without the bi-stability jump.
• Common envelope. A few minor updates have been
included in the treatment of common envelope phase: i) the
binary binding energy parameter λ is forced to be 0.5 for
naked stars, ii) in case of eccentric binaries the orbital en-
ergy is reduced by a factor that depends on the pericentral
distance.
We have chosen for our defaults to have
• Natal kick prescription. We chose a Maxwellian
distribution with σ = 100 km/s with a fallback scaling:
VBH ∝ (1− fflbck). These low kick have been chosen to ex-
plain several observations of x-ray binaries (Willems et al.
2005; Zuo & Li 2014; Wong et al. 2014; Belczynski et al.
2016; Wysocki et al. 2018).
• Mass loss prescription. We adopted the mass loss
MNRAS 000, 1–?? (2018)
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Figure 3. Mass evolution for a binary star with initial masses
M1 = 23.4 M, M2 = 46.9 M, semi-major axis asemi = 133 AU
and initial eccentricity e = 0.42 evolved with the BSE18 package
(top panel) and calculated for the I model, i. e. using SSE18 (bot-
tom panel). The color coding, taken from Hurley et al. (2000),
marks different evolutionary stages. At ∼ 12 Myr, the two BHs
merge.
and stellar wind according the Belczynski et al. (2010) up-
date.
• Common envelope. We use a common envelope ef-
ficiency factor αCE = 0.1 and a binding energy parame-
ter λCE = 1, motivated by massive stars (Xu & Li 2010;
Loveridge et al. 2011; Giacobbo et al. 2018).
As an example of the comparison between the I model
and the B model, we follow the typical example of the binary
evolution in BSE18 and its equivalent in SSE18 . Consider two
stars with initial masses M1 = 23.4 M and M2 = 46.9 M,
with initial eccentricity e0 = 0.41 and orbital period T =
17601 days. We evolve this system through BSE18 and then
consider the case where both components evolve in isolation
with SSE18 . The evolution of the system in both cases is
shown in Figure 3.
In the B models, the primary fills its Roche lobe in the
“Hertzsprung gap” phase and starts feeding the secondary,
reaching the core-He burning stage. It then loses its enve-
lope, appearing as a naked He main sequence, further evolv-
ing as a naked Hertzsprung gab star and turning into a BH.
Later, the former secondary fills its Roche lobe and begins
accreting onto the BH, evolving toward the core-He burning
stage. At this point, the common envelope phase takes place.
The binary shrinkage is very efficient during this phase and
the separation of the components is reduced by a factor of
∼ 30. The secondary then evolves from the naked He main
sequence star phase to BH without any further interaction
with its companion. The resulting BBH has a total mass
M1 +M2 = 35 M.
In the much simpler I model evolution, we assume that
the two stars pass through all the stellar stages until turning
into BHs, leading to the formation of a BBH with a total
mass M1 + M2 = 33.2 M. In this particular case, we see
that the interaction of the binary components does not play
a significant role in determining the BBH final mass since
the difference between the models is within 10%.
Although BSE18 will give the spins of the component
BHs, it does not give their alignments. Thus, we explore the
spin alignment in both I and B models in an ad hoc fashion.
We assume that spins of isolated BBH may have a degree of
alignment. Defining the angle θ to be the projection of the
spin onto the orbital angular momentum, we select values of
θ from the distribution
P (cos θ)d cos θ = (cos θ + 1)nθ d cos θ, (3)
for the spin of each component BH in the binary. The pa-
rameter nθ is used to set the degree of alignment, so that
a larger value of nθ corresponds to more aligned distribu-
tion of the spins. In our models, we choose nθ =∞, 2, or 0,
corresponding to fully aligned, thermal, or flat distributions,
repsectively.
The complete set of parameter choices for both I and B
models for the formation of isolated BBH is listed in Table 1.
Binaries formed through dynamical interactions require
a different set of parameters. The easiest way to create mock
“dynamical”BBHs is to simply pair BHs with randomly cho-
sen masses and spins. However, although their formation is
determined through chaotic interactions, several simulations
have pointed out that dynamically formed merging BBHs
are characterised by relatively high mass ratios i.e. compara-
ble masses (see for instance Amaro-Seoane & Chen (2016)).
In their extensive work based on Monte-Carlo simu-
lations, Rodriguez et al. (2016) showed that dynamically
formed BBH with sufficiently low merger time-scales are
usually characterized by mass ratios above 0.4, with a tiny
probability for merging systems with 0.2 < q < 0.4 (see their
Figure 9). They also showed that the BBH mass ratio does
not on average depend on the total mass.
In order to reflect this aspect, we paired BH masses
in our reference model so that they have a mass ratio
q = M1/M2 ≥ 0.5. The masses are generated through ei-
ther SSE18 or SSEVN . In the event that the BBH mass ratio
is not robustly constrained, we also carry out a few models
assuming a flat distribution for this parameter. To discrim-
inate between these models, we identify the minimum mass
ratio qmin, such that q > qmin for all BBHs within a given
model. The orientation and magnitude of spins, on the other
hand, are distributed randomly according to Equation 2.
As a further parameter to be considered, we also take
into account the possibility that some merged BBHs can
be retained within their parent cluster. These systems may
then pair with another BH in the cluster and undergo a
second merger. Rodriguez et al. (2017) recently suggested
that around half of the BBH merger events in globular clus-
ters can occur before the BBH ejection, and in a substantial
MNRAS 000, 1–?? (2018)
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Table 1. Main features of our models
MODEL nθ frecy qmin SE Z
isolated BBHs
I0 ∞ − − SSE18 2× 10−4
I1 2 − − SSE18 2× 10−4
I2 0 − − SSE18 2× 10−4
I3 2 − − SSEVN 2× 10−4
I4 2 − − SSE18 2× 10−2
I5 2 − − SSEVN 2× 10−2
isolated BBHs modelled with BSE
B0 ∞ − − BSE18 2× 10−4
B1 2 − − BSE18 2× 10−4
B2 0 − − BSE18 2× 10−4
B3 0 − − BSE18 2× 10−3
B4 0 − − BSE18 2× 10−2
dynamical BBHs
D0 − 0 0.5 SSE18 2× 10−4
D1 − 0.1 0.5 SSE18 2× 10−4
D2 − 0.1 0.0 SSE18 2× 10−4
D3 − 0.0 0.5 SSEVN 2× 10−4
D4 − 0.0 0.0 SSEVN 2× 10−4
D5 − 0.1 0.5 SSEVN 2× 10−4
D6 − 0.0 0.5 SSE18 2× 10−3
D7 − 0.0 0.5 SSEVN 2× 10−3
D8 − 0.1 0.5 SSE18 2× 10−2
D9 − 0.1 0.5 SSEVN 2× 10−2
fraction of cases the post-merged BH is retained. In order
to investigate how a second generation of merger events can
change the distribution of Mrem − arem, we define an ad-
ditional parameter frecy = 0.1 that describes the fraction
of merged BHs that can re-interact with other BHs in the
cluster.
Table 1 summarizes the main properties of our mod-
els. We refer to “reference model”, I0, for isolated bina-
ries as the one with fully aligned spins (nθ = ∞), low-
metallicity (Z = 2 × 10−4) and SSE18 stellar evolution. A
similar setup characterizes the reference model for isolated
binaries evolved with BSE18 , namely B0. The corresponding
“reference model” for dynamical BBH, D0, is characterised
by a minimum mass ratio qmin = 0.5 and the same low-
metallicity. Moreover, we assumed that BBHs undergo only
one merger event (frecy = 0).
Figure 4 illustrates the main differences between the
three reference models in terms of BBH mass ratio and total
mass. We also give a hints on the total BBH spin through
the effective spin parameter, defined as
χeff =
M1a1 cosβ +M2a2 cos γ
M1 +M2
, (4)
where β and γ are the angles between the orbital angu-
lar momentum and the spin of the primary and secondary
component, respectively. Note that isolated binaries evolved
with BSE18 lead to progenitor BHs with lower natal spin
values, resulting in remnant effective spin values generally
lower than for I models, where the natal spins are biased to-
ward high values through Equation 1 in the explored mass
range.
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Figure 4. Total mass (X-axis) and mass ratio (Y-axis) of the
BBH population sample for reference models I0 (top panel), B0
(central panel) and D0 (bottom panel). Color-coding provides in-
formation on the BBH components spin amplitude through the
effective spin χeff .
2.3 Remnant masses and spins
Numerical relativity allows us to integrate the last phases
of the BBH lifetime and obtain reliable information on
the gravitational waves produced during the BBH inspiral,
plunge, merger and ringdown (Pretorius 2005; Campanelli
et al. 2006; Baker et al. 2006; Sperhake 2015).
Since the current signal-to-noise ratio achieved in the
LIGO/VIRGO observations does not allow us to clearly dis-
entangle the ringdown phase from the noise, the remnant
mass, Mrem, is calculated is obtained using a handful of fit-
ting formulae calibrated to numerical relativity simulations.
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Table 2. Known BHs detected through GW emission
name M1 M2 Mrem arem
M M M
GW150914 36.2+5.2−3.8 29.1
+3.7
−4.4 62.3
+3.7
−3.1 0.68
+0.05
−0.06
GW151226 14.2+8.3−3.7 7.5
+2.3
−2.3 20.8
+6.1
−1.7 0.74
+0.06
−0.06
GW170104 31.2+8.4−6.0 19.4
+5.3
−5.9 48.7
+5.7
−4.6 0.64
+0.09
−0.20
GW170608 12+7−2 7
+2
−2 18
+4.8
−0.9 0.69
+0.04
−0.05
GW170814 30.5+5.7−3.0 25.3
+2.8
−4.2 53.2
+3.2
−2.5 0.70
+0.07
−0.05
LVT151012 23+18−6 13.0
+4
−5 35
+14
−4 0.66
+0.09
−0.10
Note: Final spin and mass for GW150914, GW151226 and
LVT151012 are taken from Abbott et al. (2016a).
During the coalescence, a fraction of the BBH mass is ra-
diated away in form of gravitational energy, thus implying
that the remnant mass is only a fraction of the BBH total
mass.
How this quantity relates to the BBH mass depends
on the complex relation connecting the spins of the BBH
components, the BBH mass and the mass ratio. Numeri-
cal relativity simulations are an unique tool to explore the
large phase space and to assess precisely the interplay among
all the parameters involved, showing that in general the fi-
nal BH mass is ∼ 90 − 100% the BBH total mass (Berti
et al. 2007; Ajith et al. 2011; Healy et al. 2014; Healy &
Lousto 2017). Unfortunately, the complexity and computa-
tional cost of these numerical models result in a very sparse
coverage of the parameter space. In the last few years, a
number of works provided fitting formulae aimed at using
simpler expression to describe such complex relations (Hem-
berger et al. 2013; Barausse 2012; Jime´nez-Forteza et al.
2017).
Using the available data for the 5 confirmed BBH
merger events detected by the LIGO/VIRGO collabora-
tion3, whose main properties are summarized in Table 2,we
found that the BH remnant mass is connected to the initial
binary mass by a linear relation
Mrem = α(M1 +M2), (5)
with α = 0.957 ± 0.003. Although our calculation is based
on a simple linear fit to the observed data, this scaling pa-
rameter agrees pretty well with the theoretical expectations
for non-spinning, equal mass binaries. More general calcula-
tions, which take into account the spins projection along the
angular momentum vector (Hemberger et al. 2013; Scheel
et al. 2015), show that the final-to-initial mass ratio can be
reduced down to α ∼ 0.89 for an equal mass BBH with
nearly extremal aligned spin, and increase up to α = 1 for
extreme mass ratio q < 0.1. Although this relation certainly
comes out from the General Relativity prescription used to
process the observed signal, its simple form allows us to ob-
tain the expected distribution of merger remnants easily.
However, this lowest order approximation does not take into
account the dependence between the remnant BH mass and
the progenitor BBH effective spin (Hemberger et al. 2013), or
the mass ratio (Healy & Lousto 2017; Jime´nez-Forteza et al.
2017). Hence, in all the models we calculate the remnant
3 https://losc.ligo.org/events/
mass according to the Jime´nez-Forteza et al. (2017) fitting
procedure, although such approach is tailored to aligned-
spin binaries. We note that calculating Mrem either using
Equation 5 or the Jime´nez-Forteza et al. (2017) fitting for-
mulae does not severely affect the final distribution.
The remnant spin amplitude is calculated following the
fitting formulae provided by Hofmann et al. (2016) (but see
also Barausse 2012; Healy et al. 2014; Healy & Lousto 2017),
according to which
arem = (1 + q)
−2[a21 + a
2
2q
4 + 2a1a2q
2 cosα+
+2
(
a1 cosβ + a2q
2 cos γ
)
lq + l2q2]1/2, (6)
where α is the angle between the BH spins, β and γ are the
angle between the BH spins and the angular momentum, and
l is a function of the BBH angular momentum and energy
calculated at the last stable circular orbit (see Equation 13
in Hofmann et al. (2016)).
We refer the reader to Hofmann et al. (2016) and refer-
ence therein for further details about the procedure followed
to calculate the merged BH final spin.
In order to validate this procedure, we calculated arem
also taking advantage of the fitting formulae provided by
Jime´nez-Forteza et al. (2017) , and making use of the aug-
mentation technique (Rezzolla et al. 2008; Hughes & Bland-
ford 2003), which allows us to include the contribute of in-
plane spin components in determining the remnant spin.
We found an overall good agreement between the two ap-
proaches, with the differences limited to O(1%) when non-
aligned spins are considered.
3 RESULTS
Figure 5 shows the mass and spin distributions for remnant
BHs formed through the isolated or dynamical scenario.
The top panel of Figure 5 shows the mass distributions.
The mass distribution for dynamically formed BH remnants
in reference model D0 has a narrow peak, a longer tail in
the BH high-mass end and a greater occurrence of BHs with
mass in the range 5− 15 M.
Isolated binaries in the I0 reference model are charac-
terized by a broader mass distribution, with a high-end tail
similar to D0 model but with a lower fraction of low-mass
BHs. The remnant mass distribution for isolated binaries
in the B0 reference model, instead, abruptly drops at BH
masses below ∼ 35 M, while it shows an overabundance
of BHs with masses above 50 M, compared to I0 and D0
models.
Significant differences are also evident in the remnant
spin distribution, shown in the bottom panel of Figure 5.
In general, it seems quite difficult to generate low-spin BHs.
For BH remnants forming through the I0 channel, the spin
distribution peaks at values arem ∼ 0.9−0.95 and is charac-
terized by a very narrow distribution with an evident cut-off
below arem . 0.8.
Also BBHs evolved with BSE18 (model B0) are char-
acterized by a very narrow spin distribution, peaking at
arem ∼ 0.83 and ranging mostly between 0.68− 0.85.
On the other hand, the spin of dynamically formed BHs
distributes similar to a Gaussian, with a peak at arem =
0.8 and a full width half maximum ∼ 0.1. Differing from a
pure Gaussian, the distribution is characterized by a smooth
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Figure 5. Mass (top panel) and spin distribution (bottom panel)
for BHs remnants forming in the isolated scenario I (straight black
steps), in the isolated scenario B (dashed blue steps) or in the
dynamical scenario (red filled boxes).
increase up to the peak value and a sharp decrease beyond
that.
The peculiar spin distribution seems to suggest that it
is quite hard to produce low-spin BHs from both isolated
and dynamical processes.
The evident peak shifted to relatively large arem values
is due to the relation between the progenitor star CO core
mass and the BH natal spin. Therefore, if slowly rotating
BHs will be observed in future GW observations runs this
could imply the need to revise our knowledge of BHs natal
spins. A simple comparison model can be obtained assum-
ing that the natal spin does not depend on the BH natal
mass. We provide an example in Appendix B, assuming the
reference model for the dynamical scenario.
The evident differences in the mass and spin distribu-
tion represent a potential tool to explore the origin of ob-
served LIGO sources.
In the following, we will explore how spin misalignment
affects the merger products of isolated binaries merger prod-
ucts, and how the final BH mass in dynamical binaries is af-
fected by stellar evolution and repeated mergers. We will re-
late the distribution of spins and remnant masses described
in Figure 5 to the expected distribution of LIGO/Virgo
events by taking into account the selection effects of grav-
itational radiation observations. The detection volume V
for LIGO/Virgo depends upon the masses of the coalesc-
ing binary, as higher mass systems generate higher strain
amplitudes and are thus observable from greater distances.
The exact relationship between mass and distance also de-
pends upon sky location, angle of inclination, and compo-
nent spins. In addition, the gravitational wave frequency at
merger is lower for higher mass systems. This results in a
lowering of the signal to noise ratio as the signal spends less
time in the sensitivity band of the detector. However, for
total masses in the range of 10 M < MBBH < 100 M,
the mass dependence of the detection volume can be well
approximated by V ∝M2.2BBH (Fishbach & Holz 2017). Note
that this relation is valid at fixed mass ratio, as shown in
Fishbach & Holz (2017) Figure 1. It must be noted that in
their work, Fishbach & Holz (2017) assume that the spin
does not affect the BH detectability. Taking into account
the components spins can increase the LIGO sensitive vol-
ume up to 30%, depending on the binary components masses
(Capano et al. 2016), although it is less trivial to show how
spins affect the volume dependence on the binary total mass.
Due to the uncertainties related to the effect of mass
ratio and spin on the volume - mass relation, we will provide
some comparison models assuming V ∝MkBBH with k = 1.5
and 0 in Appendix C, to provide the lowest limit possible for
our calculations, while leaving to discussion possible effects
connected with a steeper relation.
3.1 Isolated binaries
Our isolated binaries in the I models are based on the sim-
plest assumption that the two stars directly evolve to a BH
without undergoing any significant mass transfer or com-
mon envelope phase. This strongly unrealistic assumption is
made so that the I models can serve as a comparison to the
self-consistent B models, and to identify the possible signa-
tures of mass transfer and common envelope prescriptions in
the merger products. Unlike the B models, the I models do
not give the period or eccentricity of the progenitor binary,
so we assume that the period of the newly formed BBH is
characterized by a flat distribution in the logarithm of the
period, limited between ∼ 102 s and 104 days, and that the
eccentricity is randomly distributed between 0 and 1. We
also looked at a model with the maximum eccentricity lim-
ited to 0.2, but we found that the global distribution of the
BBH properties was not significantly affected by this choice.
We also explore the consequences of spin alignment in
both the I and B models for isolated binaries. Full alignment
of the spins is our simplest assumption. Because the full
picture of how the spins evolve within the binary is not clear,
we look at the effect that various spin misalignments have on
the remnant mass and spin. As described earlier, we varied
the parameter nθ defined in equation 3, choosing nθ = ∞,
2, or 0.
Looking solely at those I models evolved with SSE18 ,
we see in Figure 6 that when full alignment is considered
(model I0) the observed GW sources are quite hard to con-
nect with isolated binary evolution. However, increasing the
probability of misalignment brings the theoretical predic-
tions closer to some of the observed sources. When n→∞,
i.e. full alignment, the spin distribution is strongly peaked at
arem ' 0.9, while the maximum BH mass is Mrem = 40 M
and the mass distribution is characterized by a smoothly
decreasing high-end mass tail. For n = 2 (model I1), in-
stead, our results suggest that the spin distribution slightly
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Figure 6. Final mass and spin of BH remnants formed from
field BBHs fully aligned (top panel, model I0), mildly misaligned
(central panel, model I1) or completely random spin orientation
(bottom panel, model I4).
broadens toward lower spin values, peaking at arem ∼ 0.85,
while the BH remnant mass distribution remains substan-
tially unaffected. In the “chaotic” case in which the spins of
the progenitor BHs are selected randomly (model I4), the
arem distribution broadens significantly, smoothly declining
up to arem ∼ 0.1 and peaking at arem ' 0.8.
Comparing the misaligned models with observations, we
find that GW151226 and GW170608 fall outside the pre-
dicted distribution. This suggests that either their progen-
itors have larger metallicities, which imply lower BH natal
masses, or that they formed through the dynamical chan-
nel. GW170104 and GW170814 fall within the distribu-
tion if chaotic spin alignment is assumed, with the lower
mass source seeming much more constrained, especially for
nθ = 0. Finally, it seems quite hard to explain the origin
of GW150914 with isolated binary evolution, even if a mis-
alignment between spins is taken into account.
The stellar evolution recipes that are used constitute a
crucial ingredient for calculating the BH natal masses and,
consequently, the remnant masses. A comparison between
results obtained with SSE18 and SSEVN for a mildly mis-
aligned configuration (nθ = 2) is shown in Figure 7. The
models shown in the top panels are characterized by low-
metallicity (Z = 2× 10−4), while for the bottom panels we
assumed solar values (Z = 0.02).
Comparing the left and right panels in Figure 7 clearly
shows the differences between the two stellar evolution
codes. SSEVN produces much more massive BHs—especially
at low metallicities, where it predicts remnant BH masses
peaking at values & 90−100 M. The overlap with observa-
tions in this case can be achieved, in principle, by assuming
metallicities larger than Z = 2 × 10−4 and a higher degree
of misalignment.
Large BH natal masses significantly affect the Mrem −
arem distribution for misaligned isolated binaries with low
metallicity, as shown in the right column panels of Figure 7.
In this case, observable remnant masses most likely fall in
the range 60 − 100 M, while their spin lies mostly in the
range of 0.7 and 1.
At solar metallicity, both approaches explain quite well
the origin of GW151226 and GW170608, provided we de-
crease the misalignment parameter nθ. In the case of SSE18 ,
we note that a better overlap between the model and obser-
vations would be achieved at slightly sub-solar values of Z,
as opposed to SSEVN , for which super-solar metallicities are
required to move the Mrem peak to smaller values.
3.2 Isolated binaries evolved with BSE
The simple procedure described above does not take into
account the evolutionary phases of the binary prior to the
formation of the coalescing BH-BH. On another hand, the
choice of a specific package for following binary star evolu-
tion is made more difficult by the fact that there are cur-
rently many packages providing different results for the same
initial conditions. As discussed above, for the sake of coher-
ence we used BSE18 , an updated version of the BSE package
currently implemented in the NBODY6 N-body code.
Following the set-up described in the previous section,
we paired the progenitor systems in such a way that the pri-
mary component is selected according to a power-law dis-
tribution with slope −2.3 (Belczynski et al. 2016) and the
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Figure 7. Remnant mass and spin distribution for misaligned models (nθ = 2) at low (Z = 2 × 10−4, top panels) and for completely
misaligned binaries (nθ = 0) and solar metallicities (bottom panels). We show results obtained with SSE18 (left column panels) and
SSEVN (right column panels). From top to bottom and from left to right panels refer to models I1, I3, I4 and I5.
secondary is kept randomly in the mass range 18− 150 M,
in order to focus only on systems that may potentially evolve
to form heavy BH-BH pairs.
To model the BBH progenitor binaries, we assigned
an initial period distributed logarithmically Γ(logP ) ∝
(logP )1/2, limited between Pmin = 2 days and Pmax = 3000
days, while the initial eccentricity is drawn according to a
P (e) ∝ e−0.42 distribution (Sana et al. 2012; Belczynski
et al. 2017). Note that constraining the orbital period implies
a constraint on the initial semi-major axis, since a3 ∝ P 2.
Each binary is then passed to BSE18 and evolved to a max-
imum time of 13 Gyr. Among the whole sample, we select
only those binaries evolving into a BBH and merging within
13 Gyr. Following this strategy we found that 24% of the
modelled BBHs undergo a merger within this time-frame.
We then use the component masses and spins, which
are provided directly from the BSE18 output, and calculate
the corresponding remnant mass and spin.
Figure 8 shows a comparison between B models in which
we assumed full spin alignment (model B0), mild alignment
(B1) or chaotic spin distribution (B2) similar to the I models
described in the previous section.
The results differ significantly from simple I models.
The Mrem distribution is characterized by a large fraction of
objects with masses above 80 M, while the spin distribution
is shifted to lower values, peaking at around arem ' 0.8 and
being narrower compared to the I models.
Interestingly, assuming full or mild alignment (models
B0 and B1) only marginally affects the Mrem − arem distri-
bution, while a random distribution of the BH spins signifi-
cantly changes the global distribution. Indeed, in model B2
the arem distribution is broader and peaks at lower values
∼ 0.7, while Mrem seems flatter, extending beyond 100 M.
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All three heavy LIGO sources (GW150914, GW170104 and
GW170814) fall within theMrem−arem distribution of model
B2, while partial alignment seems to able to explain only the
GW170814 origin. For the case in which BH natal spins are
randomly oriented, the remnant spin distribution does not
change much at sub-solar metallicity values, Z = 2 × 10−3
(model B3), while the lower BH natal mass due to metal-
dependent stellar winds translate into a Mrem distribution
wider than in model B1 peaking at Mrem ' 40 M, as shown
in Figure 9.
Shifting to solar metallicity (model B4) drastically re-
duces the number of merging BBHs, leading to a small 0.03%
merging probability. On another hand, intriguingly we found
a high number of merging events involving a BH and a MS
star, having this process an occurrence of 3.3%.
This has profound implications on the interpretation of
the origin of sources GW151226 and GW170608. Indeed, if
they have formed via classical isolated binary evolution, they
should have formed in an extremely rich stellar population
characterized by a high metal content, in order to achieve
a reliable formation probability. On another hand, it is also
possible that the stellar evolution processes included in the
current version of BSE18 need to be improved. A further,
simpler, possibility is that these “low-mass” BHs formed via
dynamical interactions in a metal-rich cluster like an open
or a young massive cluster, as we discuss in the next section.
3.3 Dynamical binaries
In section 2.2, we described the parameters that are likely to
affect the Mrem−arem distribution. These are the BBH mass
ratio, total mass, metallicity, and fraction of recycled BHs.
Our reference model, D0, uses a BBH mass ratio q > qmin =
0.5, a recycled fraction of frecy = 0, and a low metallicity
with Z = 2 × 10−4. The masses of the BHs are computed
using SSE18 .
Our simplest comparison model, D1, assumes that 10%
of the merged BBHs are retained within the parent cluster
and can undergo a later meger. Thus, we have frecy = 0.1.
Our choice of qmin was based on the assumption that
the pairing of BHs in dense stellar environments is primarily
drived by mass segregation, so that the more massive BHs in
the cluster are more likely to pair up. In model D2, we relax
this assumption and let qmin = 0, while retaining frecy = 0.1.
Figure 10 shows the final BH mass and spin distribu-
tions for the three models, D0, D1, and D2. The spin distri-
bution is quite similar over all three models, characterized
by a single peak at arem = 0.8 with a broad tail to lower
spins and a sharp drop-off toward maximally spinning black
holes. In model D0, the mass distribution is peaked around
Mrem ∼ 40 M with a shallow tail to higher masses. When
we allow for a small fraction of recycled mergers and relax
the mass ratio constraint, we see an increase in the distribu-
tion at higher masses, extending out to Mrem ∼ 60 M with
a larger full half maximum width of δMrem ∼ 30 M.
Comparing the models with observations suggests that
the assumption of random BH pairing leads, on average, to
a better constraint on the origin of the heaviest detected
sources, namely GW150914 and GW170814. As in the case
of isolated binaries, the low mass sources (GW170608 and
GW151226) are harder to explain with low metallicity pro-
genitors. These sources are more likely to have formed from
Figure 8. Remnant mass and spin distribution for models
evolved self-consistently with BSE, assuming fully aligned spins
(top panel, model B0), mildly misaligned (central panel, model
B1) or completely random spin orientation (bottom panel, model
B2).
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Figure 9. Remnant mass and spin distribution for models
evolved self-consistently with BSE, assuming completely random
spin orientation and metallicity Z = 2× 10−4 (top panel, model
B2) or Z = 2× 10−3 (bottom panel, model B3).
sub-solar or solar metallicity progenitors. The intermediate
mass source GW170104 is well constrained by this scenario,
even without taking into account any restrictions on the
mass ratio or the fraction of recycled mergers.
In the extremely dense nuclear star clusters sitting
in the centres of many 107 − 1011 M galaxies, an even
larger recycling fraction is possible. Our results indicate that
GW150914 may have originated in such an environment.
When we introduce the SSEVN stellar evolution recipes,
the picture changes dramatically, as shown in Figure 11. The
peak of the mass distribution moves to much larger values
with Mrem & 90 − 100 M. The significant shift to higher
masses is primarily due to the weighting toward higher de-
tection probability for high-mass systems. This tends to am-
plify the influence of the highest mass systems.
Figure 10. Remnants mass and spin for dynamically formed
BBHs assuming frecy = 0 (top panel, model D0), frecy = 0.1
(central panel, model D1), or that both frecy = 0.1 and qmin = 0
(model D2).
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In this case, dropping the constraint on the minimum
value of the BBH mass ratio, i.e. qmin = 0, leads the mass
distribution to broaden, while the spin distribution slightly
widens over the 0.1− 0.9 values range, as shown in the cen-
tral panel of Figure 11. Finally, assuming a small recycling
fraction and qmin = 0.5 (the bottom panel in Figure 11)
leads the peak to shift toward even more large masses.
If it turns out that the SSEVN stellar evolution recipes
are the most reliable for BH formation, then these re-
sults suggest that none of the observed GW sources formed
in a low metallicity environment. Only GW150914 falls
marginally within the low metal distributions. Moving to-
ward higher metallicities can alleviate this tension. For ex-
ample, Figure 12 shows how the remnant mass and spin
distributions change if we assume a higher metallicity of
Z = 2 × 10−3, qmin = 0.5, and frecy = 0 for both stel-
lar evolution recipies, SSE18 (top panel) and SSEVN (bottom
panel). Note, however, that the SSEVN prediction is still too
large to explain the origin of 4 out of the 5 detected GW
events. At the same time, the SSE18 results suggest that the
LIGO sources that are heavier than 40 M likely formed in
extremely low-metal environments.
In order to investigate the possibility that LIGO sources
originated in a solar-metallicity environment we provide two
more models, shown in Figure 13. In this case, we assumed
qmin = 0.5 and a small recycling fraction, frecy = 0.1. If we
rely on SSE18 recipes, as shown in the top panel of Figure
13, our results suggest that only low mass BHs (GW151226
and GW170608) likely formed from metal rich stars. On an-
other hand, SSEVN can also explain GW170104, while the
remaining sources fall outside the distribution.
4 DISCUSSION
In this section we discuss event rates inferred from our mod-
els and connect them with an estimte of the number of de-
tections needed to distinguish between formation channels.
Finally, we conclude with a more speculative discussion of
the likely formation scenarios for each of the BBH mergers
observed by LIGO.
4.1 Merger rates
In our low-metallicity B models, we found that roughly 30%
of all simulated BBH would merge within a Hubble time.
We can use this information to infer the BBH merger rate
in the local universe due to isolated binaries. (Note that we
do not consider the I models here.)
We begin by assigning a formation time for each merg-
ing BBH that has been randomly chosen between 0 and 10
Gyr. We then use the time between formation and merger as
determined by the simulation to define a delay time, which
is the sume of the formation time and the time to merge.
This gives us the time of merger for the BBH. In order to
be observable by LIGO, a BBH must merger on a timescale
comparable to the age of its host galaxy. Assuming that the
age of a typical Milky-Way type host galaxy is TH ∼ 9.8 Gyr,
we include only those systems with delay times between 9
and 13 Gyr (Dominik et al. 2012). With this information,
we define the merger rate to be
Γiso = FfIMFξIMFfbinN∗,MWNG,MWV −1z T−1H , (7)
Figure 11. Remnant mass and spin distribution calculated with
SSEVN formulae assuming Z = 2 × 10−4. Top panel: we as-
sumed qmin = 0.5, frecy = 0 (model D3). Central panel: qmin =
0, frecy = 0 (model D4). Bottom panel: qmin = 0.5, frecy = 0.1
(model D5).
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Figure 12. As in Figure 11 but here we assumed Z = 2× 10−3,
qmin = 0.5 and frecy = 0.1. Top panel refers to SSE18 stellar
evolution (model D6) while bottom panel refers to SSEVN results
(model D7).
where F = 8 × 10−3 is the fraction of BBH with delay
times less than TH. Because we are only simulating stars
with masses above 18 M, we select a fraction fIMF = 10−3
of stars from the IMF. The factor ξIMF represents the proba-
bility that a BH progenitor will have another BH progenitor
as its companion. Since we assumed a flat mass distribu-
tion for the companion stars, we find ξIMF = 0.88. The
binary fraction is taken to be fbin = 0.5 (see for instance
Sana et al. 2013; Giacobbo et al. 2018), while the number of
stars in a typical Milky-Way type galaxy is assumed to be
N∗,MW = 1011. We assume the LIGO observable horizon to
be Dhor = 460 Mpc, corresponding to a redshift of z ∼ 0.1
and a comoving volume of Vz = 0.313 Gpc
3. The total num-
ber of Milky-Way type galaxies within this volume is found
Figure 13. As in Figure 11 but here we assumed Z = 2× 10−2,
qmin = 0.5 and frecy = 0.1, for different stellar evolution recipes:
SSE18 (top panel, model D8) or SSEVN (bottom panel, model D9).
from Abadie et al. (2010) to be
NG = 0.0116
4pi
3
(
Dhor
Mpc
)3
(2.26)−3 , (8)
Plugging all these numbers into Equation 7 leads to
a BBH merger rate for the isolated channel in the low-Z
regime of Γiso = 46 yr
−1 Gpc−3
For the dynamically formed binaries, we define the
merger rate to be
Γdyn = KmerNG,MWV
−1
z T
−1
H , (9)
where NG,MW, Vz, and TH are as before, and Kmer is a pa-
rameter that serves to quantify the typical number of merg-
ers expected for a Milky-Way type galaxy. We estimate Kmer
using Kmer = 〈Nmer〉NGC, where Nmer is the total number
of mergers per massive star cluster (GC) and NGC is the
total number of GC per Milky-Way type galaxy. Following
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Askar et al. (2017), the total number of BBH mergers per
GC is linked to the initial mass of the GC via a simple power
law, Nmer = αM
β
GC, with the coefficients α and β depend-
ing on the initial cluster metallicity. If we also assume that
the GC initial mass distribution follows a simple power law,
f (MGC) ∝M−2GC, then the GC average mass is
〈MGC〉 = − log (Mmax/Mmin)
M−1max −M−1min
' 2.7× 105 M (10)
where Mmax = 10
7 M and Mmin = 5× 104 M are the GC
mass function limiting values (Gnedin et al. 2014; Webb &
Leigh 2015). We assume that 1% of the total galaxy mass Mg
is made up of GC, MGC = 0.01Mg (Arca-Sedda & Capuzzo-
Dolcetta 2014; Gnedin et al. 2014; Belczynski et al. 2018).
Thus, the total number of GC per Milky-Way type galaxy
is given by NGC = 0.01Mg/〈MGC〉 (Arca-Sedda & Capuzzo-
Dolcetta 2014; Belczynski et al. 2018). Thus we have
Kmer = 〈Nmer〉NGC ≡ α〈MGC〉β × 0.01Mg〈MGC〉 . (11)
Substituting in the relevant quantities in Equation 9 leads to
Γdyn = 7.5 yr
−1 Gpc−3. Note that although the procedure
described above is quite simple, the resulting merger rates
agree pretty well with previous estimates (see for instance
Askar et al. 2017; Rodriguez et al. 2016).
4.2 How many detections are needed to spot
differences in different formation channels?
As we have shown in the previous sections, different scenar-
ios can lead to different distributions in the BH final mass
and spin plane. In this subsection, we use our models to cre-
ate a sample of mock observations, to compare with LIGO
current and future detections.
Our simplest approach is to gather the results ob-
tained from models D0, i.e. dynamically formed binaries
with qmin = 0.5 and frecy = 0, and B2, i.e. isolated bina-
ries modelled with BSE18 assuming complete misalignment
nθ = 0. Note that we limit our analysis only to models with
Z = 2× 10−4.
We extract a BBH from the mixed sample comprised of
D0-B2 binaries, assuming that “isolated mergers” are more
frequent than “dynamical mergers”, as borne out by our rate
estimates of the previous subsection. In fact, according to
the recent literature, the BBH merger rate from the isolated
channel is expected to be ∼ 2 − 5 times larger than for
the dynamical channel, being ∼ 10 − 500 yr−1 Gpc−3 for
isolated binaries Belczynski et al. (2017); Marchant et al.
(2016); Mandel & de Mink (2016); Mapelli et al. (2017),
∼ 1 − 50 yr−1 Gpc−3 for young massive and old globular
clusters (Banerjee 2017, 2018; Askar et al. 2017; Rodriguez
et al. 2015, 2017; Samsing et al. 2018), and of the order of
the unity for galactic nuclei (Antonini & Rasio 2016; Arca-
Sedda & Gualandris 2018; Arca-Sedda & Capuzzo-Dolcetta
2017; Bartos et al. 2017; Hoang et al. 2018). Following the
literature, our selection is made in such a way that there is
a 66.66% chance to select an isolated BBH and 33.33% to
select a dynamical BBH.
For the sake of coherence, we also assume that the prob-
ability of extracting a candidate scales with the binary mass
as M2.2BBH, in order to account for the volume-dependent
LIGO sensitivity (Fishbach & Holz 2017).
According to the procedure described above, each BBH
selected in this way represents a mock detection, thus pro-
viding a simple way to compare with LIGO detections. Fig-
ure 14 shows how the final BH mass and spin distributions
vary at increasing the number of mock detections.
For a low number of detections, clearly the distribution
is dominated by stochasticity, and we provide only one exam-
ple that agrees nicely with the presently observed population
of BHs. The picture remains unclear at detection numbers
of order 10, as shown in the second row panels, although
some separation starts to become evident, with dynamical
mergers gathering at generally lower Mrem and arem values.
When the number of detections exceeds 100, disentan-
gling the merged BH formation scenarios starts to become
possible, especially in the Mrem high-end tail and in the arem
low-end tail. However, clear signatures of different formation
channels seem to emerge only when the detections number
rises above 103. Indeed, in this case it becomes evident that
a simple dynamical scenario cannot account for BHs heav-
ier than 100 M, while misaligned isolated binaries cannot
form BHs with spins below 0.6.
In general, such an approach represents a powerful and
flexible tool to predict what we expect from observations as
soon as the detection number will increase. Comparing our
models with observations can help in shedding light on dif-
ferent, still partly unknown, processes, like for instance the
relation between the BHs natal spin and mass, the physics
that regulate binary star evolution or the dynamical pro-
cesses that drive the formation of BBHs in dense clusters.
However, we caution that the approach discussed here
represents only the lowest order approximation, as a more
careful investigation would deserve to include in this proce-
dure other factors, like for instance different values of the
stellar metallicity. In a companion paper, we will explore
a wider region of the phase-space, with the aim on under-
standing how all the parameters discussed here can be used
in concert to provide more detailed predictions.
4.3 On the origin of observed BBH mergers
In this section we use our models to infer likely formation
scenarios for each of the currently observed population of
merged BBHs.
GW150914
The formation history of the heaviest LIGO source is the
most difficult to disentangle. If BHs evolution is well de-
scribed by the SSE18 stellar evolution scheme, it is quite
probable that the GW150914 progenitor components were
low-metal massive stars, with Z . 0.0002, irrespective of
the formation channel considered. If the merger occurred
in an isolated binary, its BHs were likely characterized by
misaligned spins. Assuming SSE18 physics, this source repre-
sents the high-end tail of the mass distribution, as opposed
to the SSEVN mass distribution, for which it represents the
low-end. According to SSE18 results, a dynamical origin for
GW150914 is possible if a small fraction of merged BHs
were retained in the parent cluster and underwent a sec-
ond merger event. Moreover, dropping any restriction on
the BBH mass ratio leads to a larger number of BHs with
MNRAS 000, 1–?? (2018)
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Figure 14. Remnant mass (left column) and spin (right column) assuming, from top to bottom, a number of detection Ndet =
5 − 15 − 50 − 150. The vertical dashed lines mark the currently observed population of BHs. In this case we are including the volume
sensitivity dependence.
MNRAS 000, 1–?? (2018)
BHs spins and masses to infer GW sources history 17
masses in the range 40−60 M, thus increasing the probabil-
ity for GW150914-like sources to form. On the other hand,
using a different stellar evolution paradigm implies that the
GW150914 progenitors must have a metallicity quite large
Z > 0.002 and the environment in which they evolved was
not the site of a noticeable number of “recycled” mergers.
We highlight here how important it is to improve our
understanding of stellar evolution. Indeed, different stel-
lar evolution recipes imply completely different origins for
GW150914. If we believe SSEVN , such massive sources hardly
form in low-metal environments and in isolated binaries.
Low-density star clusters are the most probable site for
their formation, with a BBH population characterised by
a nearly flat mass ratio distribution and with an efficient
retention fraction for merged BHs. If, instead, we believe
to SSE18 recipes, then GW150914 likely formed in a metal-
poor, massive and dense globular or nuclear cluster, where
densitites are sufficiently high to retain merged BHs and
recycle them in multiple merger events.
GW151226
A clear outcome of our analysis is that GW151226 likely
formed in an environment characterised by nearly solar
metallicities. Both the isolated and dynamical channels pro-
vide a suitable explanation for its origin. If it formed in isola-
tion, SSEVN predictions allow us to conclude that GW151226
comes from a BBH with Z = 0.02. Using SSE18 leads to simi-
lar conclusions, but a lower metallicity is needed to make the
remnant mass distribution and the GW151226 inferred mass
coincide. Concerning the spin orientation, it is unlikely that
GW151226 originated from the merger of an aligned BBH.
Indeed, in case of full alignment the spin distribution is ex-
tremely narrow and peaks at large spin values ∼ 0.85, with
little dependence on the metallicity. If it formed through
dynamical interactions, the most probable host is a massive
young cluster, characterised by solar metallicity and a ca-
pability of retaining a number of merged BHs. If this is the
case, it is quite difficult to disentangle which stellar evolu-
tion recipes better explain its origin. In the case of a zero-
recycling fraction, GW151226 barely falls within the most
probable region of the Mrem− arem plane. Indeed, assuming
frecy = 0 we find that Mrem abruptly decreases at values
above 25 M.
GW170104
This BH represents the current separation between “light”
and “heavy” post merged BHs and its origin is quite difficult
to assess. If its progenitor was an isolated binary, its evolu-
tion was characterised by an evident spin misalignment. The
progenitor metallicity depends strongly on stellar evolution:
SSE18 requires a quite low-metallicity Z ' 2×10−4, while in
the case of SSEVN the GW170104 must have larger Z values,
ranging in between 2× 10−3 − 2× 10−2.
Moreover, there are a variety of configurations in the dy-
namical scenario that can explain the origin of GW170104.
It falls well within the mass and spin distribution if it either
formed in a low-density cluster, where the probability of re-
cycling is low so BHs undergo only one merger, or in denser
systems, where recycling is more likely. Again, stellar evo-
lution is crucial in determining the progenitor metallicity:
SSE18 predicts Z ' 2 × 10−4, similar to the isolated chan-
nel, while SSEVN leads to a metal-rich progenitor (Z = 0.02)
hosting recycled BHs.
The best constraint on the origin of GW170104 is
achieved by assuming an isolated binary progenitor char-
acterized by randomly oriented spins and Z = 0.0002.
GW170608
Similarly to GW151226, this source likely formed an envi-
ronment richer in metals than other sources. If it formed
in isolation, the progenitor metallicity was likely sub-solar,
according to SSE18 . In the case of the dynamical scenario,
instead, the most probable hosting cluster had solar metal-
licities and sufficiently high densities to host multiple series
of BH mergers. Indeed, assuming frecy = 0 leads GW170608
outside the Mrem−arem most probable region. Typical astro-
physical systems having these properties are young massive
clusters, characterized by high central densities, large metal-
licities and relatively small ages. It is important to stress
here that SSE18 does a better job of explaining the origin of
GW170608, while with SSEVN it falls systematically outside
the Mrem full width at half maximum even assuming solar
metallicities. This would imply that GW170608 could have
formed in a super-solar environment.
GW170814
The formation of this source is well reproduced either by
the isolated scenario, under the assumption of spin misalign-
ment, or the dynamical scenario, assuming a small fraction
of recycled BHs. SSE18 stellar evolution recipes point to-
ward low-metallicities, Z < 0.002, as opposed to SSEVN ,
which suggest 0.002 < Z < 0.02.
A comparison between the GW170814 spins and our
predictions seem to favour an isolated origin, provided that
the progenitor spins were fully misaligned (nθ = 0).
5 CONCLUSION
In this paper we have explored the connections between the
remnant mass and spin of merged BHs and the formation
history of their progenitors. Using different stellar evolution
codes, we investigated two evolutionary channels: the iso-
lated channel in which BBHs form in isolation and merge
after a common envelope phase, and the dynamical channel
in which merging BBHs form through gravitational scatter-
ings in a dense stellar cluster. We characterized the remnant
mass and spin distributions for various evolutionary prop-
erties (progenitor metallicity, stellar evolution recipes) and
environmental properties (spin misalignments, mass ratios,
and recycling fraction). Our main results are summarized
below.
Field binaries formed through the isolated channel are
mostly affected by the level of misalignment between the
component BH spin vectors and the binary orbital angular
momentum. We describe the level of misalignment of each
BH spin by θ, the angle it makes with the orbital angular
momentum vector. To mimic possible misalignments of the
spins in the field BBH population, we distributed θ accord-
ing to a probability function ∝ (cos θ + 1)nθ . The values of
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nθ allow us to parametrize the misalignment level, nθ = 0
corresponds to a random spin orientation while nθ → ∞
leads to a perfectly aligned population.
Our analysis suggests that a mild misalignment can rec-
oncile some of the observed LIGO events with a field pop-
ulation. However, in the case of perfect alignment, the ob-
served BHs fall in the least probably region of our mod-
elled Mrem − arem plane. When stellar evolution processes
are taken into account self-consistently and a high level of
misalignment is considered, the final spin calculated for low
metallicity, Z = 2×10−4, is characterized by a broad distri-
bution peaking at arem ' 0.7, while the Mrem distribution
shows a steep rise at masses < 40 M and a smooth de-
crease afterward. All the three most massive LIGO sources
fall within this distribution.
The main parametrization for the dynamical binaries
are the BBH mass ratio and the merging recycling frac-
tion (i.e., the fraction of merged BHs that undergo a sec-
ond merger event). We assumed that dynamical BBHs have
a mass ratio that is either larger than a minimum value
(qmin = 0.5) or that is unconstrained (qmin = 0). We also
assumed that there was either no recycling or that 10% of
the population of merged BHs undergo another merger.
The choice of qmin = 0.5 leads to a tighter remnant
mass distribution around a slightly smaller peak compared
with the case of qmin = 0. Assuming a flat mass ratio dis-
tribution leads to Mrem which are generally smaller than
80 M, while for qmin = 0.5 the Mrem distribution extends
up to & 100 M. When a relatively small recycling fraction
is introduced, the width of the Mrem distribution weakly in-
creases. Both frecy and qmin have only a marginal effect on
the final remnant BH spin.
For low-metal systems, the Mrem distribution for dy-
namical BBHs is similar to the field population, with Mrem
peaking at ∼ 40 M, but the high mass tail is more
prominent when a small recycling fraction is introduced.
The spin distribution is relatively broad, with a peak at
arem = 0.8− 0.85.
Using a statistical approach based on the probability of
detecting the merger of an isolated or a dynamically formed
BBH, we show that a number of LIGO detections above
∼ 100 will allow us to begin to see the fingerprints of the
progenitor BBH formation history. Our results suggest that
the high-end of the Mrem distribution will be dominated by
merged BHs formed from isolated BBHs, while dynamically
formed BBHs contribute mostly to the low-end tail of the
arem distribution, especially in the region arem < 0.6.
The metallicity and stellar evolution recipes adopted are
crucial in determining the finalMrem−arem distribution. The
updated SSE18 stellar evolution scheme suggests that the
most massive BHs observed by LIGO were likely formed in
a low-metal environment (Z ' 2 × 10−4), while the lowest
mass BHs originated from stars having solar-metallicities.
Conversely, SSEVN results suggest that even the most massive
observed BHs formed in a sub-solar metallicity environment,
likely having 2× 10−3 . Z . 2× 10−2.
Assuming SSE18 recipes, GW150914 might have origi-
nated in a metal poor dense star cluster. Its formation site
possibly was a nuclear star cluster or a massive globular clus-
ter, probably characterized by a non-null recycling fraction.
However, when using more recent stellar evolution recipes
we found that the likely merging site changed significantly,
being most probably a sub-solar metallicity star cluster with
a density sufficiently low to avoid any noticeable recycling.
Both GW151226 and GW170608 likely formed in a
solar-metallicity environment. If formed through dynamical
interactions, a possible formation site is a massive open clus-
ter. If formed in the field, the progenitor BBH was charac-
terized by a large misalignment of the spin factors. Both
the SSE18 and SSEVN recipes lead to similar results. On an-
other hand, using BSE18 seems very hard to produce solar-
metallicity merging BBHs, thus suggesting that either they
have formed through dynamical interactions, or another bi-
nary stellar evolution paradigm is needed.
The origin of GW170104 is more difficult to constrain
since most of the configurations in this study can explain its
properties. In other words, its final mass and spin are quite
probable in both field and dynamical BBH, at both low and
relatively large metallicities.
GW170814 most probably formed from a field binary
with low metallicity, Z = (0.2 − 2) × 10−3, although a dy-
namical origin cannot be completely ruled out.
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APPENDIX A: ADAPTING SSE TO SEVN
Comparing with Figure 11 in Spera et al. (2015), we found
that the final BH masses can be easily obtained by the BH
masses given by the SSE package through a linear approxi-
mation
MBH = c0MSSE + c1, (A1)
provided that the M∗ −MBH plane is decomposed straight-
forwardly. For the sake of clarity, we provide in the following
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the parameters assuming a metallicity Z = 0.002:
(c0, c1) =

(0.5, 2.2) 18 < (M∗/ M) ≤ 19.6,
(0.3, 3) 19 < (M∗/ M) ≤ 20,
(0.25, 3.15) 20 < (M∗/ M) ≤ 21,
(0.5, 1.1) 21 < (M∗/ M) ≤ 23,
(0.6,−0.12) 23 < (M∗/ M) ≤ 25.6,
(10,−164) 25.6 < (M∗/ M) ≤ 26.3,
(35,−605.5) 26.3 < (M∗/ M) ≤ 27.3,
(50,−870.5) 27.3 < (M∗/ M) ≤ 28,
(−30, 545.5) 28 < (M∗/ M) ≤ 28.5,
(−20, 369) 28.5 < (M∗/ M) ≤ 29.2,
(−10, 192.5) 29.2 < (M∗/ M) ≤ 32.9,
(−1.1, 47) 32.9 < (M∗/ M) ≤ 41.1,
(1.5, 14) 41.1 < (M∗/ M) ≤ 53,
(2, 5.5) 53 < (M∗/ M) ≤ 60,
(−1.6, 76.5) 60 < (M∗/ M) ≤ 64.8,
(4,−40.5) 64.8 < (M∗/ M) ≤ 70,
(−4, 138.5) 70 < (M∗/ M) ≤ 76,
(0.08, 40) 76 < (M∗/ M) ≤ 90,
(0.7, 22.5) 90 < (M∗/ M) ≤ 100,
(1.6,−5.5) 100 < (M∗/ M) ≤ 150.
(A2)
APPENDIX B: THE EFFECT OF BHS NATAL
SPIN
As discussed in Belczynski et al. (2017), Equation 1 dis-
plays the connection between the star properties before it
turns into a BH and its natal spin. From Figure 5 it is clear
that this relation implies that BHs with initial masses below
60 M form with spins relatively high > 0.6. This translates
in a remnant spin distribution peaking at values 0.7− 0.85,
depending on the scenario investigated.
The currently observed population of BHs formed
through BBH coalescence have spins in the range 0.6− 0.8,
thus within the remnant spin distribution shown in our Fig-
ure 5. At the same time, the potential future observation of
low-spin BHs might represent an issue for our current un-
derstanding of how BHs form from dying stars. In order to
understand how much the BH natal spins affect the results,
we calculated the remnant mass and spin distribution for the
D0 model, but assuming that BH natal spins do not depend
on the BH natal mass.
As shown in the central panel Figure B1, assuming
a random natal spin distribution significantly changes the
remnant BH masses and spins, increasing the probability to
form BHs with spins below arem . 0.6, which are quite hard
to produce assuming the natal spin-CO mass relation dis-
cussed above. Note the complete overlap between the model
and the high-mass LIGO sources. These result suggest that
only increasing the number of observed BHs would allow us
to better discern whether our current knowledge of stellar
BH formation is reliable or not.
Following Amaro-Seoane & Chen (2016), we also inves-
tigated the case in which the BH natal spin is connected to
the BH natal mass through the relation
aBH = (0.075− 0.45)
(
MBH
30 M
)−1
. (B1)
For each BH in our sample, we extract a random value be-
tween the two limits given in the pre-factor in equation above
to reproduce the same range of values as depicted in Amaro-
Seoane & Chen (2016). The results obtained under this as-
sumption, as shown in the bottom panel of Figure B1, leads
the arem distribution to be much narrower than in other
cases, peaking at arem ∼ 0.7 and allowing the formation of
BHs with low spin values, arem ∼ 0.2, though the probability
associated to this objects is quite small.
APPENDIX C: THE EFFECT OF VOLUME
SENSITIVITY
As discussed in Section 3, the volume sensitivity might affect
the observed mass distribution of merged BHs. In the work
presented here, we assumed the relation discussed by Fish-
bach & Holz (2017), which found V ∝ MkBBH, with k ∼ 2.2
at fixed mass ratio and zero-spins.
However, mass ratio and the BBH components spin can
affect significantly the sensitive volume, potentially affect-
ing also the dependence on the total BBH mass. In order
to understand how much our results would change at vary-
ing the slope of the V −MBBH relation, we show in Figure
C1 a comparison in the D0 model, assuming either k = 2.2,
k = 1.5 or k = 0. The major effect that the V − MBBH
relation has on the BBH mass distribution is to cause the
abrupt decrease of the low-end tail, thus causing a magnifi-
cation of the probability to observe BHs with masses above
∼ 50 M. Therefore, a slower slope can shift the distribu-
tion peak to lower values, possibly leading the results ob-
tained assuming more recent stellar evolution recipes (ob-
tained with the SSEVN code) to a range compatible with the
LIGO sources population. This highlight the importance of
providing a comprehensive study based on how the sensi-
tive volume varies at varying BBH mass and components
mass and spin, all quantities that can sensitively affect the
volume-mass relation.
Another quantity that in principle might affect the
Mrem distribution is the energy radiated during the merger,
Erad = 1 −Mrem/(M1 + M2), which depends on the BBH
components spins and masses through the remnant mass.
This parameter allows to take into account the fact that
LIGO’s sensitivity is larger for aligned spins BBHs compared
to non-spinning systems, and that unequal-mass BBHs are
harder to be observed compared to equal-mass BBHs since
they radiate more energy.
For the sake of completeness, we also try to scale the
Mrem distribution assuming that the LIGO’s sensitive vol-
ume is linked to the radiated energy via a power-law. How-
ever, we find that Erad affects all the mass bins in the same
way, on average, since it depends only on the BBH mass ra-
tio and spins, thus leading to a little-to-no effect on the final
Mrem distribution.
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Figure B1. Mrem − arem plane for model D0 (top panel), for
the same model assuming a random distribution for BHs natal
spins (central panel) or assuming a BH natal spin according to
the Amaro-Seoane & Chen (2016) formula.
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Figure C1. Mass distribution in model D0, weighted assuming
a Volume - binary mass relation V ∝MkBBH, for k = 0 (red filled
steps), 1.5 (straight blue steps), 2.2 (dotted black steps).
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